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ABSTRACT
Ram-pressure stripping (RPS) is a well observed phenomenon of massive spiral galaxies
passing through the hot intra-cluster medium (ICM) of galaxy clusters. For dwarf
galaxies (DGs) within a cluster, the transformation from gaseous to gas-poor systems
by RPS is not easily observed and must happen in the outskirts of clusters. In a few
objects in close by galaxy clusters and the field, RPS has been observed. Since cluster
early-type DGs also show a large variety of internal structures (unexpected central gas
reservoirs, blue stellar cores, composite radial stellar profiles), we aim in this study to
investigate how ram pressure (RP) affects the interstellar gas content and therefore
the star-formation (SF) activity. Using a series of numerical simulations, we quantify
the dependence of the stripped-off gas on the velocity of the infalling DGs and on the
ambient ICM density. We demonstrated that SF can be either suppressed or triggered
by RP depending on the ICM density and the DGs mass. Under some conditions, RP
can compress the gas, so that it is unexpectedly retained in the central DG region
and forms stars. When gas clouds are still bound against stripping but lifted from a
thin disk and fall back, their new stars form an ellipsoidal (young) stellar population
already with a larger velocity dispersion without the necessity of harassment. Most
spectacularly, star clusters can form downstream in stripped-off massive gas clouds in
the case of strong RP. We compare our results to observations.
Key words: methods: numerical – galaxy: evolution – galaxies: dwarf – galaxies:
ISM – galaxies: star formation
1 INTRODUCTION
Dwarf galaxies (DGs) are the most numerous type of
galaxies in the universe and have low surface brightnesses,
low gravitational potential wells, and relatively low star-
formation rates (SFRs). Due to their low gravitational po-
tential wells, they react sensitively to external and internal
processes such as feedback by supernovae (SNe), and are
therefore ideal objects to study galaxy evolution.
During their evolution, galaxies suffer transformations
from gas-rich to gas-poor; this is particularly true for DGs.
The chance to be morphologically transformed is larger
in high density regions. The morphology-density relation
(Dressler 1980) describes the morphology of a galaxy as
a function of the projected galaxy number density within
a galaxy cluster. The higher the projected density is, the
lower the fraction of gas-rich galaxies, and the higher is the
fraction of early-type galaxies. In galaxy clusters, DGs as
gas-poor elliptical galaxies (dEs) outnumber all other galaxy
types (Binggeli et al. 1988).
Several studies on DGs in the Virgo cluster by
⋆ E-mail: patrick.steyrleithner@univie.ac.at
Lisker et al. (2006a,b, 2009) found that dEs are much more
complex and can be divided into morphological subclasses
such as dEs with disk features, dE(di), with a blue cen-
tre, dE(bc), (non)nucleated, dE(nN)/dE(N), and normal
dEs. Further detailed studies by the SMAKCED survey in
Janz et al. (2012) discovered various compositions of the
stellar brightness profiles. Some of these dE(bc)s also show
a significant rotation, which supports the theory that they
are the descendants of gas-rich star-forming dwarf irregu-
lar galaxies (dIrrs), which are known to be mostly rota-
tionally supported systems. Toloba et al. (2015) also found
that slow-rotating dEs are more roundish and move on
more cluster-centric orbits, whereas fast rotators are flat
(Lisker et al. 2009) and exist at larger Virgo-centric dis-
tances. In addition, fainter DGs are systematically thicker
(Sa´nchez-Janssen et al. 2019). Moreover, the radial cluster
distribution of flat dEs obtrudes their recent cluster infall
(Lisker et al. 2009). Lisker et al. (2006b) performed a spec-
tral analysis of these dE(bc)s and found that these DGs show
Balmer line emissions and some Hα detections, which are in
this region a possible sign of active SF.
It is important to understand how rotationally flattened
late-type star-forming dIrrs are transformed by the cluster
c© 2018 The Authors
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environment into roundish early-type DGs that can partly
retain their gas. As reviewed by Boselli & Gavazzi (2014),
two main mechanisms can be invoked to extract the gas
from gas-rich galaxies. The first is harassment, which is an
effect of a high-speed encounter of a dIrr with a massive
galaxy, which increases not only the stellar velocity disper-
sion, making the axial ratio more spherical (Smith et al.
2015), but also disrupts the gas disk (Mastropietro et al.
2005; Bialas et al. 2015). This mechanism also predicts that
the gas gets funnelled to the centre where it may form stars.
The second mechanism is ram-pressure stripping (RPS) by
the ICM, which removes the interstellar medium (ISM) from
the DG (Boselli et al. 2008a,b). The RP acts on the gas of
a galaxy from its leading side when falling into the clus-
ter. This can trigger multiple effects, including the compres-
sion of cold gas in the centre and the resulting formation of
new stars, as has been seen in numerical simulations, e.g.
Roediger et al. (2014).
The dominance of blue-cored dEs in the closest galaxy
clusters (Urich et al. 2017; Hamraz et al. 2019) indicated
that recent SF in the centres of DGs has taken place. The
hot gas and less bound circum-galactic gas is stripped off
first and when this gas reservoir is exhausted, SF will be
quenched due to the cessation of further gas infall. Further
stripping of a dE(bc)s will unavoidably evolve them into nor-
mal dEs with red colours. When RPS has transformed dIrrs
to dEs, these must keep the rotationally-supported flat stel-
lar disk and be distinguished as those (van Zee et al. 2004).
In order to thicken the surviving thin stellar disk after RPS
gas loss to an ellipsoidal shape as additional heating of the
stellar velocity dispersion harassment is further on necessary
(Smith et al. 2015).
There are two major phases of RPS. The instantaneous
stripping phase happens when a galaxy moves with a rela-
tive velocity through the ICM and RPS will affect at first
the low density gas since it has a low gravitational binding.
The outer gas disk is stripped off from outside-in, until a cer-
tain minimal stripping radius is reached. The second phase is
the continuous stripping phase. Galaxies that survive the in-
stantaneous stripping phase will lose their gas subsequently
due to Kelvin-Helmholtz instabilities occurring at the in-
terface between the gas of the galaxy and that of the ICM
(Roediger & Hensler 2005).
Gunn & Gott (1972) showed that a spiral galaxy loses
its gas when and where the RP exceeds the restoring grav-
itational force that binds the gas to the galaxy. This condi-
tion is given by Pram > 2pi G Σs Σg, where Σs and Σg are the
star and gas surface density, respectively. DGs have smaller
escape velocities and they are therefore more susceptible to
RPS than more massive galaxies. Roediger & Hensler (2005)
demonstrated in their simulations the effect of RP on mass
loss of massive galaxies moving through the ICM and found
a third stripping phase intermediate between the instanta-
neous and the continuos stripping phases. This is a dynami-
cal phase where a part of the pushed out material is stripped
completely and the rest falls back onto the leeward side of
the galaxy in their wind shadow. Mori & Burkert (2000), on
the other hand, have compared the RP with the thermal
pressure at the centre of the gravitational potential wells of
the dark matter (DM) halos of DGs and showed the impor-
tance of DM halos for the amount of the final gas mass loss
by RPS.
Marcolini et al. (2003) investigated the inclination an-
gle at which the DG moves through the ICM and the effect
of RP on the gas loss of DGs. Before getting stripped off,
the gas is compressed by RP which results in an increase of
SF, and both the strengths and spatial distributions of this
additional SF are currently unknown.
The effect of RPS on the (hot) gas is well observed
in massive gas-rich galaxies. For example, NGC 4569 in
the Virgo cluster serves as a prototypical example in which
not only stripped-off neutral gas is detected (Vollmer et al.
2004), but recently also faint filamentary structures of
ionised gas (Boselli et al. 2016). This and other RPS-affected
spirals are at first detected in the Virgo cluster where they
pass through the hot ICM.
For DGs, this RPS signature is challenging to observe
due to their low surface brightnesses and because their shal-
low potential wells allow for easier gas loss. According to the
RP formula by Gunn & Gott (1972)
Pram = ρ v
2 (1)
where ρ is the ICM density and v the velocity of the in-
falling galaxy relative to the ICM at rest. DGs with v =
1000 km s−1 and a total mass below 109M⊙ should lose
all their gas by means of RPS when passing through the
Virgo cluster ICM (Boselli et al. 2008b, priv. commun. with
T. Lisker). In contrast, remaining gas in DG centres leading
to star-forming and blue cores challenge this understanding
(Lisker et al. 2006a). If one wants to catch a DG during RPS,
it depends on the right location. Observations show that
DGs in galaxy clusters (e.g. Virgo) can be transformed mor-
phologically from late-type to early-type galaxies by various
external effects (Lisker et al. 2006a,b, 2009). By an analysis
of the morphological transformation of DGs in the Fornax
cluster, De Rijcke et al. (2010) showed that the observed
morphology-density relation of infalling dwarfs is mainly due
to the effect of RPS. In the last decade, several DGs with
ram-pressure stripped tails were observed within clusters
(Hester et al. 2010; Fumagalli et al. 2011; Yagi et al. 2013;
Ja´chym et al. 2013, 2014; Kenney et al. 2014; Johnson et al.
2015). One of them is the low-surface brightness DG IC 3418,
which is caught during the transformation via RPS. IC 3418
shows a 17kpc bright UV tail with bright knots, indicat-
ing recent or ongoing SF, while the SF in the main body has
ceased some time ago. Kenney et al. (2014) identified 10 dis-
tinct UV sources (diffuse regions, knots, linear streams and
head-tail) and eight of them also exhibit HII regions in the
kernels of head-tail structures.
Morphological transformations of DGs by RPS does not
only happen in rich galaxy clusters but also in galaxy groups
(GGs) where relative velocities and inter-galactic gas densi-
ties are lower. Since galaxy clusters accumulate mass also by
the infall of GGs (Lisker et al. 2018), DGs can be already
pre-processed when they enter the cluster environment.
This paper is structured as followed: section 2 provides
the simulations ingredients, section 3 provides the numerical
setup, section 4 describes the DGs model, in section 5 the
results are presented which are discussed in section 6, and
finally the conclusions in section 7.
MNRAS 000, 1–15 (2018)
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2 INGREDIENTS OF THE SIMULATIONS
2.1 The Code
In this work we use the simulation code cdFLASH, which is
based on the FLASH code version 3.3 (Fryxell et al. 2000).
The FLASH code provides the user with several operator
splitting methods for treating the hydrodynamics, such as
the third-order piecewise-parabolic method (PPM) which
uses the second-order Strang time splitting. Besides the di-
rect split methods there are also direct unsplit methods
available in FLASH v3.3. We use the unsplit Monotonic
Upstream-centred Scheme for Conservation Laws (MUSCL)
Hancock solver, which has a second-order accuracy in space
and time, with the HLLC Riemann solver and the van
Leer slope limiter. To advance the simulation on the min-
imum time step, the Courant-Friedrich-Lewy (CFL) condi-
tion (Courant et al. 1967) is used. For the simulations pre-
sented here, the CFL constant is set to 0.1. This value al-
though much lower than for pure hydrodynamical simula-
tions necessary makes the numerical modelling more time
expensive, but can guarantee to prevent unphysical negative
densities which can emerge for high density and velocity con-
trasts at interfaces and to account for cooling and SF even
when timescales are temporarily shorter than the dynamical
one.
The highest spatial resolution is achieved according to
∆x =
D
ncells,block 2
lre f −1
, (2)
with D as the size of the simulation box, ncells,block the num-
ber of cells per block and lre f the maximum level of refine-
ment. For all simulations we use D of ±12.8kpc, ncells,block is
set to 16 and lre f to 6. This leads to a maximal resolution of
50pc.
2.2 Initial Conditions
2.2.1 The mass distribution
Our models are aimed at starting with a purely gaseous disk,
embedded into an existing DM halo. Nonetheless, we are
aware that these conditions are truly not fully realistic in
a cosmological context under two aspects; the existing old
stellar component and the isolation of the model DGs, re-
spectively. While cosmological simulations yet lack of suffi-
cient spatial resolutions and physical reliability to provide
conditions for low-mass systems at various redshifts, also
their temporal mass growth and the mass fraction of their
constituents are vaguely known. This allows us to include
the stellar mass within the dominating amount of the DM.
For the initial conditions of a stable disk we apply
the prescription by Vorobyov et al. (2012) to calculate an
equilibrium configuration of a rotating gas disk, where the
steady-state momentum equation for the gas component in
a gravitational potential of gas and DM is solved by
1
ρg
∇P+(v ·∇)v = gg +gh. (3)
ρg is the gas density, P the pressure, v the three dimen-
sional velocity and gg and gh the gravitational accelera-
tion of the gas and halo, respectively. The azimuthal ve-
locity is given here by vΦ = α vc, where α is the spin pa-
rameter and vc the circular velocity. A spin parameter of
α = 0.1 results in a roundish DG, whereas α = 0.9 leads
to a flared disk. Most simulations of isolated galaxies ne-
glect self-gravity when building the initial configuration
(Vorobyov et al. 2012, 2015), so that our approach is an ad-
vancement compared to commonly used methods.
2.2.2 The Dark Matter halo
For the DM halo we assume a spherical isothermal density
distribution,
ρDM(r) =
ρ0
1+(r/r0)2
(4)
where ρ0 is the central DM density and r0 is the scale radius
of the DM halo. For a given halo mass of MDM = 10
10M⊙
the scale radius, central DM density and the virial radius of
the DM halo can be calculated by,
r0 = 0.89×10
−5
(
MDM
M⊙
)1/2
H
1/2
0 kpc (5)
ρ0 = 6.3×10
10
(
MDM
M⊙
)−1/3
H
−1/3
0 M⊙ kpc
−3 (6)
Rvir = 0.016
(
MDM
M⊙
)1/3
H
−2/3
0 kpc (7)
where H0 is the Hubble constant and set here to
H0 = 76kms
−1Mpc−1 for comparison reasons with
Vorobyov et al. (2012).
2.2.3 Two Initial Mass Models
For the setup of DG models we start from a DM halo mass
of MDM = 10
10M⊙ and distribute the gas mass in rotational
equilibrium according to two different spin parameters α of
0.1 and 0.9. The radius Rgal of the DG is then defined as
the radial distance in the equatorial plane to which the gas
density falls to 10−27 g cm−3. This criterion leads to two
clearly distinct models: Due to its slow rotation the α = 0.1
model forms a spheroidal shape so that the critical radius
Rgal reaches to 1.3 kpc with a gas mass included of Mg = 6.3×
106M⊙ and achieving a maximum rotational velocity of vrot
= 2.1 km s−1 only. The flatter α = 0.9 model, on the other
hand, extends to Rgal = 9.5 kpc and yields a gas mass of
Mg = 1.4×10
8M⊙ with a maximum rotational velocity of vrot
= 30 km s−1. For regions outside of Rgal and densities below
10−27 g cm−3 the gas density is set to 10−30 g cm−3 and a
temperature of T = 106 K to achieve pressure equilibrium
with the galaxy. According to the DG’s size the DM mass
within the DG amounts to MDM, inDG = 1.2×10
8M⊙ for α =
0.1 and MDM, inDG = 8.4×10
8 M⊙ for α = 0.9.
To summarise, the parametrization of the shape, i.e. of
the angular momentum, physically speaking, leads to two
models distinguishable by their different masses. This anti-
correlation of axial ratio and galactic mass agrees with the
findings by Sa´nchez-Janssen et al. (2019).
3 THE NUMERICAL SETUP
To ensure that cooling and SF starts in a steady state, we
allow the DG to relax during the first 200 Myr. After that,
MNRAS 000, 1–15 (2018)
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cooling and SF are switched on. The computational box size
is chosen to exceed the DG size significantly in order to pre-
vent that x- and y-boundaries affect the DG dynamics and
to allow the onstream from the upwind boundary to become
detached from a possible reflecting shock. The spatial reso-
lution amounts to 50 pc what means that the scaleheight of
the gas disks is resolved by 3 grid cells.
3.1 Cooling
For the radiative gas cooling two cooling functions are used,
one for temperatures above 104K (Boehringer & Hensler
1989) and one below 104K as a combination of the functions
by Dalgarno & McCray (1972) and Schure et al. (2009). For
the high-temperature regime between 104 < T
[
K
]
< 108
Boehringer & Hensler (1989) calculated the cooling func-
tions for hot tenuous plasmas in collisional ionisation equilib-
rium for temperatures. They focus on the ten most abundant
elements (H, He, C, N, O, Ne, Mg, Si, S, Fe) in the universe.
Above a temperature of T = 7×107 K, cooling comes mainly
from the free-free radiation of H and He (bremsstrahlung). In
addition to these ten elements, also Ca is tracked in the cd-
FLASH code. In the low-temperature regime, the fractional
ionisation plays an important role, as given by
fi =
ne
nH
(8)
with ne and nH as the electron and hydrogen number density,
respectively. For the low-temperature cooling C, N, O, Si, S,
Ne and Fe are taken into account. The electron collisions for
these elements are given by a series of equation (Schure et al.
2009, Eq. 4 - 12). The total cooling function is the sum of
the cooling functions of these elements. For simplicity, we
start all models with an initial metallicity of 1/3 solar and
to account for the evolutionary state of the DGs with solar
abundance ratios, both reasonable conditions for dIrrs.
3.2 Star Formation
When stars are formed in a grid cell they are traced as stel-
lar particles representing single stellar populations (SSP).
The SF is fully self-regulated and follows the description by
Koeppen et al. (1995) with a rate of
ψ(ρ,T ) =Cn ρ
n f (T ) (9)
which contains a power-law dependence on the gas density ρ
and on an efficiency function of the temperature f (T ) with
an efficiency factor Cn. The values for n = 2, C2 = 2.575×
108 cm3 g−1 s−1 result self-consistently. f (T ) is an exponential
function of the temperature T and describes the fraction of
the gas that is in the form of molecular clouds,
f (T ) = e−T/Ts (10)
with a constant Ts = 1000 K. This approach does not re-
quire any global scaling relation and was successfully ap-
plied to massive spirals by Samland et al. (1997) and to
dwarf irregular galaxies by Hensler & Rieschick (2002) and
Ploeckinger et al. (2014) leading to realistic SFRs and chem-
ical abundances. In parallel studies we compare this self-
regulation recipe with that of density and temperature
thresholds as described e.g. by Stinson et al. (2006) and
Kuehtreiber et al. (in prep.) and, secondly, with respect to
the initial mass function (IMF) at low SFRs (Hensler et al.
2017, Steyrleithner et al. in prep.).
Since Eq. 9 allows SF even at very low rates, which
would increase the number of stellar particles and produce
even insignificantly small star clusters, we insert a SFR
threshold (Ploeckinger et al. 2014). Setting the minimum
stellar cluster mass Mcl,min that can be formed within a
cluster-formation time τcl of typically 1 Myr to 100M⊙, fixes
the SFR threshold to 10−4M⊙ yr
−1. Such a short and rea-
sonable cluster-formation time ensures a quick onset of the
stellar feedback that is important for SF self-regulation. For
τcl longer than 1 Myr, the stellar feedback is delayed accord-
ingly until τcl . In reality, however, massive stars should have
immediately started their feedback. This does not mean that
after τcl new star particles cannot form in the same grid cell,
but the SF criteria might have changed and do not allow fur-
ther SF due to stellar feedback by the former cluster.
3.3 Stellar Initial Mass Function
Once a SSP is formed, it will immediately produce feedback,
in the form of stellar radiation and SNeII, depending on the
mass of the SSP. By the IMF one can calculate the number
of stars for each mass bin. The IMF can be interpreted as
a probability function that describes by which probability
a star of mass m lies in the interval [m, m+ dm]. It can be
described by a power-law
ξ (m) = k m−α (11)
where k is a normalisation constant and α = 2.35 as originally
derived for a single power-law by Salpeter (1955). Here we
use the multi-section power-law by Kroupa (2001) as:
α =


0.3 . . . 0.01≤ m/M⊙ < 0.08
1.3 . . . 0.08≤ m/M⊙ < 0.5
2.3 . . . 0.5 ≤ m/M⊙ < 100
(12)
The number of stars N(m) and the mass of the cluster Mcl
can be calculated by
N(m) = k1
mmax∫
mmin
ξ (m) = 1 (13)
Mcl = k2
mmax∫
mmin
mξ (m)dm . (14)
The k′s serve as normalisation coefficients and are not the
same. Although the IMF is a probability function, k1 should
guarantee that each mass bin N(m) is populated with at
least one star at SF. For low SFRs this necessary condition
can, however, not be fulfilled. As shown by Ploeckinger et al.
(2015) the IMF can hardly be fulfilled for star clusters of
masses below 104M⊙ so that the stellar feedback is affected
at low SFRs (Hensler et al. 2017, see e.g. Steyrleithner et al.,
in prep.). Since the presented simulations are focussed on the
RPS effect, for simplicity the full IMF approach is applied
though being aware of the weakness. Interestingly, for a 1
Myr cluster-formation time this coincides with 10−2M⊙yr
−1
at which the SFR indicators UV and Hα begin to diverge
(Lee et al. 2009).
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3.4 Stellar Feedback
In our simulations we consider feedback from different
sources like by Lyman continuum radiation from massive
stars, by type Ia and II supernovae, and by AGB stars.
3.4.1 Stellar Radiation
We further improve the SF self-regulation recipe taking
into account stellar Lyman continuum radiation by massive
stars with masses of m∗ > 8M⊙. We calculate the Stro¨m-
gren sphere radius RS of an HII region. Within the Stro¨m-
gren sphere SF is prevented by the ionisation equilibrium of
Lyman continuum radiation vs. the recombination rate of
hydrogen in the surrounding ISM by
RS =
(
3S∗
4pi nH 2 β2
)1/3
, (15)
S∗ is the ionizing photon flux, nH the hydrogen number den-
sity, and β2 the recombination coefficient within the Stro¨m-
gren sphere. Depending on the resolution, the Stro¨mgren
radius can be smaller than a typical grid cell, therefore a
better sub-grid description is needed, where the mass of the
HII region is calculated and subtracted from the cooler gas
mass in the cell. As a reasonable temperature of a mean
Stro¨mgren sphere we set it to 2×104K. The gas temperature
in a grid cell is then derived as the mass-weighted average
of the Stro¨mgren sphere and the actual temperature of the
remaining gas.
3.4.2 Type II Supernovae
Stars with masses larger than 8M⊙ end their lives as core-
collaps SNeII. The feedback is purely thermal, but the SN
remnant expands. The lifetime τm of a star is related to its
mass by the function (Recchi et al. 2009):
τm =
{
1.2m−1.85 +0.003Gyr ifm ≥ 6.6M⊙
10 f (m)Gyr ifm < 6.6M⊙
(16)
where
f (m) =
0.334−
√
1.79−0.2232
(
7.764− log(m)
)
0.1116
. (17)
A slight metal dependence of lifetimes is neglected in our
case close to solar abundance. SNeII eject an energy of
1051 erg, of which 5% are transferred into the ISM. The fre-
quently applied and often cited fraction of 10% is unreal-
istically high for SNeII, because it is derived from a simple
1D hydro model of a single SN explosion (Thornton et al.
1998) while in reality SNeII explode in star clusters and ac-
cumulate to superbubbles. Galaxy simulations with multiple
SNeII by Recchi et al. (2006) only derived a value around
2% for SNeII, whereas it is larger for the single SNeIa ex-
plosions, see e.g. Hensler (2010).
3.4.3 Type Ia Supernovae
A SNIa is the resulting explosion of a C-O white dwarf
that reaches the Chandrasekhar mass (1.44M⊙) after the
accretion of mass of its companion in a binary star system.
The SNIa rate depends on the mass ratio between the pri-
mary and secondary star in a binary system and is given by
(Recchi et al. 2009)
RSNIa(t) = A
mB,max∫
mB,min
µmax∫
µmin
f (µ)ψ(t− τm2)
×ξ
(
mB,ψ(t− τm2)
)
dµ dmB , (18)
where A = 0.09 is a normalisation constant, mB is the binary
mass, µ is the ratio between the mass of the secondary star
m2 and the binary mass, with µmax = 0.5, τm2 is the lifetime
of the secondary star and ξ is the IMF (sect. 2.5.). The
distribution function for mass ratios in binary systems is
given by
f (µ) = 21+γ (1+ γ)µγ (19)
(Matteucci & Recchi 2001), where the parameter γ = 2 is
based on statistical analyses that show mass ratios of one
more likely. We implied this recipe to the cdFLASH code
(Ploeckinger et al. 2015). However, nowadays smaller γ is
preferred and set here to γ ≃ 0.5 (Recchi, priv. commun.).
With Eq. 18 the number of SNeIa in each mass bin is cal-
culated. If a star ends as a SNIa, all its mass is returned to
the ISM.
3.4.4 Asymptotic Giant Branch Stars
Stars with masses below 8M⊙ return mass back to the ISM
during the asymptotic giant branch (AGB) phase. A fraction
of these stars will end their life as SNIa.
3.4.5 Chemical Feedback
At the end of their lives stars not only return mass to the
ISM, but also nucleosynthesis products as chemical feedback.
SNeII enrich their surroundings mostly with α-elements
like O, Ne, Mg, Si, S and Ca, whereas SNeIa contribute
mostly Fe. AGB stars release mostly N and C to their close
surroundings. We use the stellar yields from Marigo et al.
(1996) for stellar masses m∗=(1−4)M⊙, and Portinari et al.
(1998) for masses above 6M⊙ with a linear interpolation be-
tween 4 and 6M⊙.
3.5 Wind Module
In order to study the effect of RP we implemented a so-
called wind module to the cdFLASH code (Mitchell et al.
2013; Ploeckinger et al. 2015). For the motion through the
ICM its density varies according to the radial ICM density
profile for the Virgo cluster of Vollmer et al. (2001) as
ρICM(r) = ρ0
(
1+
r2
r2c
)− 3β
2
(20)
with β = 12 and the core radius rc = 13.4kpc. While the
central density amounts to ρ0 = 10
−26 gcm−3 we set ρ0 to
10−28 gcm−3 only, because we do not favour radial infall to-
wards the cluster centre but instead aim at considering a
parabolic path that only touches the cluster outskirts and
at studying the DG stripping at very low ICM densities.
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Since the acceleration of an infalling galaxy by the grav-
itational potential of the above-mentioned density profile is
small or even zero (for β = 23 ), for simplicity we assume a
constant relative velocity of the galaxy with respect to the
hot ICM. For an efficient computational modelling, the DG
is set into a wind tunnel where the wind moves towards pos-
itive z direction (upwards in Fig. 10). The DG’s equatorial
plane extends in the x-y-plane, what means that the wind
hits the DG face-on. Therefore, Eq. 20 has to be transformed
from a radial-dependent to a time-dependent equation, i.e.
with r = rmax−vt to
ρ(t) = ρ0
(
1+
(rmax−vt)
2
r2c
)− 3β
2
(21)
with rmax as the initial distance from the Virgo cluster centre.
Starting from the density ρ(r = rmax) = 10
−30 gcm−3, rmax is
given from Eq. 21. With this close-up simulation we can con-
strain the computational domain and gain a higher spatial
resolution to study galaxy internal effects like the location
of SF.
4 MODELS
In order to study the RPS effect on DGs we perform simula-
tions of DGs’ evolution in isolation with identical parameters
as the RPS models. For a better understanding of the mass
dependence, we model two different masses, a low-mass DG
with 6.3× 106M⊙ gas mass and a more massive DG with
1.4× 108M⊙. For reasons of numerical expenses old stellar
components are comprised in the DM mass that are factors
of 19 and 6 larger than the gas masses of the low and the
high-mass model, respectively. In addition, the shape of the
DG as determined by the spin parameter α according to
vφ = α vcirc is varied to 0.1 (slow rotation) for the low-mass
and 0.9, i.e. almost rotationally flattened, for the high-mass
DGs. Because we aim at studying also RPS in different en-
vironments, i.e. DGs in galaxy groups and clusters, we chose
three different wind velocities, 100, 290, and 1000 km s−1,
what means that the RP varies by steps of an order of mag-
nitude due to its square-dependence on v. In order to limit
the number of simulations presented here and to get a clearer
insight into the RP efficiency, the low-mass models (assigned
as rpsLM) are performed with the higher two relative veloc-
ities of 290 and 1000 km s−1, while the massive DG (named
rpsHM) are exposed to the two lower (group) velocities of
100 and 290 km s−1. In order to distinguish the RPS effect
we compare the models with the evolution of isolated DGs
without any circumgalactic gas also Hα to avoid gas infall:
isoGT2 for the low-mass DG and isoHM2 for the massive
one.
The simulations are then started at rest and without
any physical process acting except gravitation for 200 Myr
to relax the system before the wind, respectively, the relative
motion of the model galaxy is switched on. In these models,
the velocity of the galaxy is kept constant, while the ICM
density changes with time, according to the density profile
given by Eq. 21. The maximal ICM density and RP are
reached at different simulation times depending on the infall
velocity (see table 1). After the maximal ICM density is
reached, it is kept constant. This simplification is reasonable,
because we do not intend to trace the real path within the
Figure 1. Star formation rate in 10 Myr bins for the LM models,
the isolated DG isoGT2 (solid black) and the DGs within a wind
environment of slow (rpsLM2, dashed blue) and fast (rpsLM4,
dash-dotted red) speed.
cluster and because with decreasing density the RPS will
also weaken. The minimum (initial) and maximum (after
3 Gyrs) RP for the models amount to 8.41× 10−16 dyne
cm−2 and 8.41×10−14 dyne cm−2 for the 290 km s−1 velocity
model, and to 10−14 dyne cm−2 and 10−12 dyne cm−2 for the
1000 km s−1 velocity model, respectively.
Table 1 provides an overview of the simulations with the
parameters of the DGs and wind properties such as velocity
and ICM density. As mentioned above, all models start with
a metallicity of 0.3 Z⊙.
5 RESULTS
5.1 Comparison between low-mass and high-mass
Dwarf Galaxies
In order to learn about the effect of RP on the evolution of
DGs, among others e.g. about the SF, we compare low-mass
and high-mass DGs within a wind environment with their
isolated counterparts. For this, we vary the relative wind
speed and once also its density (see Table 1).
5.1.1 rpsLM2 vs isoGT2
At first, we compare the low-mass DG model within a wind
environment (rpsLM2) with the isolated DG (isoGT2), both
simulations starting with the same initial conditions. After
the wind is initialised the RP is increasing and one would
expect the SFR to be (slowly) increasing due to gas com-
pression or at least to be constant over time. In contrast, also
starvation can be expected due to the gas loss by stripping.
The simulations show an unexpected behaviour. During
the first epoch of 1.5Gyr the SFR of the rpsLM2 model is de-
creasing more quickly than for isoGT2 (Fig. 1), meaning that
the wind suppresses the SF. To quantify this effect, a linear
fit is performed for both SFRs for a simulation time of 500≤
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Table 1. Initial parameters for different simulations. Mg is the initial gas mass, MDM is the DM mass within the galaxy, α is the spin
parameter which controls the rotational velocity, with its maximal velocity vrot . Rgal is the radius of the DG, defined in section 2.2, vwind
the velocity of the ICM wind and ρ0,ICM the maximal ICM density.
runID Mg MDM α vrot Rgal vwind ρ0,ICM
[M⊙] [10
8M⊙] [kms
−1] [kpc] [kms−1] [gcm−3]
isoGT2 6.3×106 1.2 0.1 2.1 1.3 - -
isoHM2 1.4×108 8.4 0.9 30.0 9.5 - -
rpsLM2 6.3×106 1.2 0.1 2.1 1.3 290 10−28
rpsLM4 6.3×106 1.2 0.1 2.1 1.3 1000 10−28
rpsHM1 1.4×108 8.4 0.9 30.0 9.5 290 10−28
rpsHM2 1.4×108 8.4 0.9 30.0 9.5 100 10−28
tsim [Myr] ≤ 1500Myr
1. The resulting slope of the SFR for
rpsLM2 with (1.056±0.096)×10−3 M⊙ yr
−1Myr−1 is steeper
than for isoGT2 given by (8.05±0.75)×10−4 M⊙ yr
−1Myr−1.
The steeper decline of the SFR at RP can be understood by
the perturbance and the reduction of the DG’s outermost
ISM. Nonetheless, Fig. 2 reveals that obviously the lower
SFR is mainly caused by RP, because the gas mass remains
higher and the stellar mass lower than that of the isolated
model between 1.0 and 1.5 Gyr. Not before the ICM wind
reaches its maximum density at tsim = 1500Myr, the RP gets
strong enough to compress the DG gas sufficiently and, by
this, triggers SF. This leads to a rise of the SFR of rpsLM2
by almost two orders of magnitude within 100 Myr reach-
ing 10−2M⊙yr
−1 again for almost 1 Gyr with a subsequent
slow decline. Afterwards the SFR begins to strongly oscil-
late as it becomes also visible for the isolated model. The
reason is probably the varying amount of cool gas at small
gas fraction.
The effect of the RP on the SFR is also visible in the
gas and stellar masses in Fig. 2. The lower SFR in model
rpsLM2 at the beginning leads to a slightly higher gas mass.
Although the stellar mass is accordingly slightly lower at the
beginning than that of the isolated DG, it rises due to the
triggered SF and even exceeds the isolated model.
For the runs isoGT2 and rpsLM2 Fig. 3 shows the clus-
ter mass function (CMF) at different simulation times in
age bins of 50Myr. Due to the higher SFR the cluster mass
(CM) extends by one order of magnitude (Fig. 3 black solid
line). The huge amount of gas loss of 75% (Fig. 2, top) is
not directly due to the mass consumption by SF, but can
be explained by the increase of the released SNII energy by
a factor of 10. The higher energy release due to the larger
number of more massive stars in each cluster facilitates large
gas clouds to be pushed off from the galaxy and carried away
by the ICM wind, because the gravitational potential is not
strong enough to keep them bound. The turbulences caused
by the energetic feedback sometimes clear the galaxy’s cen-
tre of the gas, resulting in gaps in the SFR.
5.1.2 Slow (rpsLM2) vs. fast (rpsLM4) low-mass DG
models
As one can discern from Fig.1 for the fastest model rpsLM4
investigated as a proxy of cluster infall, reasonably, the SF
1 The time was chosen to be in this interval to ensure that only
the effect of the wind on the SFR will be analysed.
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Figure 2. Gas mass normalised to the initial gas mass (top) and
absolute stellar mass (bottom) for the isolated DG isoGT2 (solid
black) and the DGs within a wind environment, rpsLM2 (dashed
blue) and rpsLM4 (dashed-dotted red).
trigger by RP sets in earlier by approximately 600 Myrs than
for rpsLM2. While SF in rpsLM4 also happens in stripped-
off clouds outside the main galaxy body, in model rpsLM2
the SF continues within this DG though with decreasing
intensity. Although the difference in the infall velocity is
large, both models reach the same maximum SFR of up to
10−2M⊙ yr
−1. Furthermore, the model rpsLM4 has lost al-
most all of its gas after 3Gyr (see top of Fig. 2) mainly
due to the earlier RP maximum compared to rpsLM2. The
differences in the gas properties can also be seen by com-
paring the initial and final gas density at the centres of
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Figure 3. The cluster mass function in 50Myr age bins for the
runs isoGT2 (dashed lines) and rpsLM2 (solid lines) shows the
number of clusters per mass bin (dM) as a function of the cluster
mass.
Figure 4. Star-formation rate in 10 Myr bins for the isolated
DG (isoHM2) and the DG within a wind environment (rpsHM1),
respectively.
these models. At first, both have an initial gas density of
ρi = 5.9× 10
−25 gcm−3, rpsLM2 exhibits a final gas density
of ρ f = 1.3×10
−25 gcm−3. While the gas density for rpsLM2
decreases by a factor of 4.5, rpsLM4 loses all its gas. De-
spite the difference in the gas-loss rate, gas density and the
SFR, both models reach the same stellar mass (Fig. 2, bot-
tom) but one can speculate that rpsLM2 will continue its
SF though at an extremely low rate and concentrated to the
centre only.
5.1.3 Massive DGs with ram pressure (rpsHM1) vs. its
isolated pendant isoHM2
As further analysis we compare the more massive DGs, the
rpsHM1 model with the isolated isoHM2. For DGs with
higher masses the SFR is not that strongly affected by the
wind (Fig. 4) as the LM models and gets slightly suppressed.
A linear fit to the SFR with time shows that they are in
fact not that different, because the slope of the SFR for rp-
sHM1 of (2.92±0.15)×10−4 M⊙ yr
−1Myr−1 is comparable to
Figure 5. Gas mass normalised to the initial gas mass for the
isolated DG (isoHM2) and the DG within a wind environment
(rpsHM1), respectively.
the slope of isoHM2 with (3.63±0.17)×10−4 M⊙ yr
−1Myr−1.
Compared to low-mass models, where the gas loss is facili-
tated because the gas is pushed out by the high SNII ener-
gies, the gas of high-mass DGs is purely lost by RP, because
the deeper potential well hampers the formation of large-
scale outflows.
Fig. 5 shows the normalised gas mass of the high-
mass DGs. When the RP becomes strong enough near its
maximum and must have exceeded a critical pressure af-
ter a simulation time of tsim = 1.5Gyr, where Pram ≥ Ptherm ≃
3×10−14 dynecm−2, most of the galaxy’s gas is pushed away
instantaneously and, therefore, the gas mass drops steeply
but by ∼ 20% only. Coincidently the SFR is slightly declin-
ing. After the instantaneous stripping of the warm tenuous
gas, its removal by Kelvin-Helmholtz instability continues.
The gas loss is not only fuelled from the galaxy’s outskirts
by RPS, but also reduces the central gas density by a factor
of 16, only from an initial density of ρi = 1.6×10
−24 gcm−3
to a final density of ρ f = 10
−25 gcm−3.
Finally, the slow HM DG model rpsHM2 is not exten-
sively presented and discussed here, because the RP amounts
to not more than 10−14 dyne cm−1, i.e. less than Ptherm. Rea-
sonably, the DG evolution is hardly affected by the RP and
only small displacements of gas and SF from the gaseous disk
(see Fig.7) without significant oscillations are insufficient for
gas stripping and heating of the stellar velocity dispersion
(see next sect.).
5.2 Where does the enhanced SF occur?
5.2.1 The Ram-pressure perturbed Disk
To quantify the effect of RP on the SF, we derive the shift
of the mass-weighted centre of SF in z-direction. If the SF is
assumed to happen in RP stripped clouds, which are pushed
by the wind, then the centre must be shifted towards positive
z-directions. The centre of SF is calculated by
zψ =
1
ψtot
n
∑
i=1
ψi zi (22)
where ψi is the SFR, zi the z-coordinate for each cell, and
ψtot = ∑i ψi the total SFR. When the wind hits the galaxy
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Figure 6. Vertical offset of the centre of SF for the run rpsLM2
(top panel) and rpsHM1 (bottom panel).
face-on (which is the case for all simulations in this paper),
then the wind compresses the gas at the windward side of
the galaxy. Since the ICM density is increasing over time
as well as the RP, then the gas compression increases too,
which should lead to a higher SF at the windward side. Since
the galactic centre of mass is located at the origin of the co-
ordinate system, the centre of higher SF caused by the RP
compression at the DG front should lie towards negative z
direction. Fig. 6 shows this quantitatively for the run rp-
sLM2 (top panel) and rpsHM1 (bottom panel). For both
runs the wind velocity of vwind = 290 km s
−1 and the RP
are the same. The RP reaches its maximum at tsim ≃ 1.4Gyr.
At first, the centre of SF is oscillating around the zero
line (dashed line), i.e. the equatorial plane, but when the RP
is strongest, the centre of SF as well as the gas are displaced
towards the positive z-axis. This behaviour is opposite to
that one expected. It is not so prominently discernible for
the model rpsLM2, because gas is more rapidly lost into the
z-direction and, therefore, reaches slightly larger offsets, but
for a short while only. On the other hand, the high-mass
model rpsHM1 experiences a strong and extended push at
about 1.5 Gyr when the RP approaches its maximum and
20 % of the gas is lost (see Fig. 5), namely, when after the
first strong SF onset further wide displacements follow to
smaller heights because the gas is hardly lost.
One should keep in mind, that these offsets are rela-
tively small compared to the size of the entire simulation
box of ±12.8kpc and to the smallest grid cell of 50pc, re-
solving the scaleheight by three cells. By comparing the ex-
tent of the displacement with the vertical size of the galaxy,
the perception changes. The LM model has (initial) vertical
extent of 1.2kpc due to the roundish shape, whereas the HM
model reach 0.5kpc. To remind the reader, the outer edge of
a model is defined where the ISM density has dropped to the
value of 10−27 gcm−3. For the model rpsLM2 this means that
the displacement happens between one and four grid cells,
whereas for rpsLM4 the displacement is increasing with time
up to 1 kpc, which is at the outer edge of the galaxy. For the
model rpsHM1 the displacement is between one and six cells,
and for rpsHM2 always between one and two cells around
the equatorial plane.
The centre of SF seen in Fig. 6 does not show why it is
shifted to the positive z-axis, i.e. down-stream. Is the expec-
tation wrong, that the SF should occur where the gas gets
compressed, or is the whole galaxy pushed back along the
wind direction in such a way that the centre of the galaxy’s
baryonic matter does not coincide anymore with the cen-
tre of mass and thus the coordinate centre? To get a more
quantitative insight into the effect of the RP on the entire
galaxy, Fig. 7 shows the maximum of the gas surface den-
sity and the SFR surface density at various z integrated over
the xy-planes, respectively. There clearly exist difference in
the response of the gas to the RP between the LM and HM
galaxies, as also on the position of the SF. This is due to
the different shapes of the galaxies. The flat extended disk
of the HM models are more exposed to RP due to the fast
rotation.
Comparing the maxima of the gas and SFR surface
densities of the LM DGs, respectively, reveals different be-
haviours. In rpsLM2 both maxima are oscillating about
z = 0, and while those of the SFR are mostly further dis-
placed from the equatorial plane than the gas they hap-
pen mostly also before the gas maxima. In contrast, for rp-
sLM4 both components oscillate coincidently, but are shifted
to larger and temporarily increasing distances. Due to the
stronger RP it happens to the back-side of the DG only.
While the oscillations in rpsLM2 are mainly due to stochas-
tic effects, for rpsLM4 they are supported by the RP which
pushes the gas off from the galaxy towards the wind direc-
tion.
The HM DG models also differ in the RP strength due
to their different velocities. This effect is visible at the be-
ginning, after the wind was initialised. For a higher wind ve-
locity of 290 km s−1 of rpsHM1 the initial gas compression
is stronger so that the maximum of the SF surface density is
shifted to the negative z-axis, i.e. towards the windward side
of the galaxy. For comparison, this is less pronounced for rp-
sHM2 at a wind velocity of v = 100 km s−1 only. The effect
of the stronger RP for rpsHM1 is also more prominent at
later times, where the gas and SF oscillate. For both galax-
ies, rpsHM1 and rpsHM2, the SF surface density is shifted
to the upwind side, indicated by the fact that the maximum
of the SF lies beneath that of the gas.
Finally, one has to emphasise two main effects of the
location of SF sites and its consequences: RP displaces the
SF maxima, for the LM DGs towards the front of the gas
maxima, for HM DGs mainly ”behind” the gas and clearly
”above”the equatorial plane. Since these star clusters formed
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Figure 7. Maximum values of the gas and SFR surface density
integrated over the x- and y-axis, respectively, every 100 Myr for
the simulations rpsLM2, rpsLM4, rpsHM1 and rpsHM2 (from top
to bottom). The solid line represents the gas surface density, the
dashed line the SFR surface density and the dotted line indicates
the coordinate centre of the simulation box.
in HM DGs are still bound to the DG, they have to oscillate
about the equatorial plane (see Fig. 8). By this, the young
stellar population becomes ellipsoidal and more extended
than the old stars so that a radial and vertical colour gradi-
ent should arise of old stars more concentrated towards disk
and centre and formed long before the cluster infall than
the younger (bluer) stars. Since those latter are formed at
larger vertical height (see Fig. 9 for better visibility) and os-
cillate through the equatorial plane, they are also discernible
with higher velocity dispersion, making the brightness shape
more elliptical. While the ongoing SF sites are constrained
to smaller radial ranges due to RP gas loss, also the vertical
extent shrinks again, so that the colour gradients become
uncertain, this even more at very low SFRs. From Fig. 9 it
becomes visible that only low-mass star clusters are formed
so that the completeness of the IMF is doubtful and, by
this, whether the evolution of the colour gradient can be
understood by SSPs.
5.2.2 Star Formation in Ram-Pressure Stripped Clouds
When the RP is strong enough, a large amount of gas will
be stripped off the galaxy. Either entire gas clouds will be
pushed out, or stripped gas condenses to blobs that will
be further carried away. Then it must be further examined
whether these blobs remain gravitational bound and fulfil
the SF criteria (sect. 3.2.).
Most of such blobs have a relatively high gas temper-
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Figure 8. Distribution of star clusters formed during the sim-
ulation of model rpsHM1 at three different snapshots. The clus-
ter ages are coloured from blue (youngest) to red (oldest), since
the simulation started. Star clusters which are formed from ram-
pressure displaced gas clouds but are still bound by the DG have
to oscillate about the equatorial plane and transform the younger
stellar population into an ellipsoidal shape.
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Figure 9. Cluster mass versus the vertical position of formed star
clusters. The cluster ages are coloured from blue (youngest) to red
(oldest), since the simulation started, for the model rpsHM1 at a
simulation time of 2400 Myr.
ature and low density, both not appropriate for SF. They
are e.g. heated up by friction with the hot ICM and turbu-
lences. Eventually most of the blobs start to cool again and
could then form stars. To take this into account, the total
gas mass of each blob is calculated, but only for those cells
that have temperatures below 2×104 K, and compare them
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with the corresponding Jeans mass2 MJ ,
MJ =
√
6
pi
(
k T
G µ
)3/2
ρ−1/2 (23)
where T represents the average temperature, and ρ the aver-
age gas density of each blob, G is the gravitational constant,
k the Boltzmann constant, and µ the mean molecular weight
here set to 53 . The results are listed in table 2. If the total
gas mass of a blob is larger than its MJ , the blob should
collapse and form stars. The comparison of gas and Jeans
masses in table 2 directly shows that the rpsLM2 blobs do
not reach MJ , while all blobs of model rpsHM1 do. Sur-
prisingly, SF occurs in none of them. Only the fast rpsLM4
model produces stripped-off clumps (B3 and B4) which are
conditioned for SF with the extreme blob B4. Even though
a factor of 5-8 less massive than the HM1 gas clouds B5 and
B6, B4 is capable to fulfil the SF criteria for eight times the
SF timescale of 1 Myr. The physical cause is obviously the
strong compression to much denser clumps than the other
gas blobs.
A closer analysis of the simulation rpsLM4 reveals that
the actual SF can be identified in at least two of the stripped
blobs (B3 and B4), while all blobs of the other models do
not (for physical reasons see the consideration in sect. 3.3).
Blob B3 has a starburst event not before far away from
the host galaxy’s centre, at a distance of more than 6 kpc.
Blob B4 exhibits several starburst of SF at a distance of
more than 2 kpc while it is stripped away. Fig. 10 shows
a snapshot of the run rpsLM4 at a simulation time of tsim
= 2300 Myr with blob B4 and the positions of the stellar
particles. While blob B4 forms stars, the gaseous component
still experiences further acceleration by the RP, but the stars
do not. Therefore, blob B4 leaves behind a stream of ”naked”
star clusters. The results are listed in table 3.
Interestingly, these blobs experience a very short but
relatively strong starburst with SFRs of the order of
10−3M⊙yr
−1. The top panel of Fig. 11 shows the gas and
stellar mass, respectively, for the blob B4, which exhibits a
continuous SF for ∼ 200Myr. One has to be aware that the
gas is further accelerated while the star clusters keep their
velocity when they were formed. Therefore, the gas leaves
’naked’ star clusters behind which cannot appear as HII re-
gions. The bottom panel of Fig. 11 shows the galactic SFR in
1-Myr bins during the epoch of starbursts in blob B4, which
are shown as red x-symbols for the eight SF events. When
their values reach the galactic SFR or even exceed this, the
SF is preferably happening in the stripped-off blobs.
6 DISCUSSION
As we can demonstrate by our presented models, RP can
produce four main effects on gas-rich DGs at their cluster
infall, which we discuss in detail in the following subsections.
The first and obvious one is the evacuation of gas by means
of the drag force exerted by hot gas.
As a second effect, but not generally acting, the galactic
SF is enhanced by compression of the ISM. Surprisingly, for
2 To calculate the Jeans mass, the average gas density and tem-
perature, respectively, of each blob are used.
Figure 10. Snapshot of the gas surface density (filled contours)
and particle positions (black dots) in the xz-plane for the run
rpsLM4 at tsim = 2300 Myr. Visible at the centre of this snapshot
at z = 4.5 kpc is the blob B4, leaving a trail of newly formed star
clusters behind. The two star clusters on the left-hand side of the
box at a distance of above z = 7 kpc are remaining from blob B3
which already left the simulation box.
the rpsHM DG the SFR decreases equally as in the iso-
lated model, whereas for the LM models the SFR drops
steeper until the RP exceeds a critical value (in rpsLM2 of
Pram = 8.41×10
−14 dyne cm−2 according to Eq. 1). Then the
SFR suddenly rises and peaks almost two orders of magni-
tude higher, but falls again due to the complete or at least
partial gas evacuation.
The third relevant, but hardly detectable effect we discov-
ered in the rpsHM1 model is the thickening of the stellar
disk by newly formed stars in ISM clouds which are swept
to the back of the disk plane. Since these newly formed star
clusters are gravitationally bound and fall back towards the
galactic disk plane and oscillate about it, by this, thickening
the disk.
Finally, SF can occur in stripped-off clouds, but in the mod-
els though with the same environmental conditions only
eventually as it is also observed. In particular, the circum-
stances for this dichotomy must be explored in detail with
respect to the physical conditions.
6.1 Gas loss by Ram-pressure Stripping of Dwarf
Galaxies
Although the Gunn-Gott formula (Gunn & Gott 1972) is a
simple approach to quantify the stripping radius and, by
this, the gas loss of the galactic disks by means of RP per-
pendicular to the disk surface, observations of the ”real”
stripping effect and numerical simulations find a surpris-
ingly well agreement with the formula. Because of its sim-
plicity, the formula cannot be fully applied to inclined on-
stream and the subsequent stripping phase due disk re-
expansion and Kelvin-Helmholtz instability as disentangled
by Roediger & Hensler (2005). Further complication for the
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Table 2. Mean gas density ρ and temperature T , respectively, as well as the total gas mass Mg,tot of each blob and the calculated Jeans
mass MJ at the onset of star formation for comparison. The most right column gives the number of computing grid cells (x× y× z) of the
maximum expansion of the blobs in each coordinate (for its explanation, see subsection 6.4). The properties are measured after the blobs
got unbound from the DG and reached a distance of more than 2 kpc downstream of the galaxy.
runID Blob ρ T Mg,tot MJ no. of
no. [10−26 gcm−3] [K] [105M⊙] [10
5M⊙] grid cells
rpsLM2 B1 4.2 10639.9 0.05 3.2 4×8×6
rpsLM2 B2 4.3 9348.9 1.2 2.6 10×9×16
rpsLM4 B3 64 6989.2 1.8 0.4 5×6×15
rpsLM4 B4 48 9355.5 1.4 0.8 7×8×9
rpsHM1 B5 3.5 10196.5 9.1 3.3 30×30×70
rpsHM1 B6 3.1 10203.1 11 3.5 17×60×30
rpsHM1 B7 3.6 10274.1 5.4 3.3 50×25×20
rpsHM1 B8 4.4 10242.2 3.3 3.0 15×15×20
rpsHM1 B9 3.6 10270.1 12 3.3 70×25×25
Table 3. Number of star-forming particles Npart , total stellar mass
M∗, duration of starburst ∆t and the corresponding SFR for the
star-forming blobs.
Blob Npart M∗ ∆t SFR
[M⊙] [Myr] [M⊙ yr
−1]
B3 2 2392 1 2.4×10−3
B4 3 2536 1 2.6×10−3
B4 3 3110 3 1.0×10−3
B4 6 3096 10 3.1×10−4
B4 2 1935 4 4.8×10−4
B4 1 948 1 9.5×10−4
B4 2 2445 1 2.4×10−3
B4 2 1737 1 1.7×10−3
B4 3 1408 3 4.7×10−4
stripping effect arises due to the ISM inhomogeneities in the
sense that the momentum transfer by the RP depends on
the density contrast between the hot dilute ICM and the up
to orders of magnitude denser galactic ISM. Observations
reveal that DGs in galaxy clusters for which theory requires
their gas to be completely evacuated by RPS, do not fulfil
this expectation and retain gas in their centres. Our simu-
lations provide a physically reasonable explanation for this
phenomenon: The compression of the ISM due to the RP
leads to less sensitivity to RP due to its enhanced density.
6.2 Star-formation Enhancement due to Ram
Pressure
That gas-free dEs in the Virgo cluster have suffered a last
strong SF epoch before the gas was pushed out and the
SF ceases, is also reproduced by the simulations. While the
rpsHM models experience almost the same total SFR as iso-
lated DGs with a reasonable decrease due to gas consump-
tion, their star-forming regions emerge behind the equatorial
following the RP shifted gas. Since their maxima lie closer
to the plane than the gas, the SF happens in front of the
gas maxima.
The rpsLM simulations show two surprising different
effects. While the SFR drops steeper than for the isolated
model due to the fast RPS gas loss, the stronger compres-
sion of the remaining galactic gas at the onstreaming side
Figure 11. Top: Gas and stellar mass, respectively, for the blob
B4, which exhibits a continuous SF over ∼ 200Myr; Bottom:
Global SFR (solid line) of rpsLM4 during the starburst of blob
B4. The peaks of the starburst for blob B4 are shown as red
x-symbols.
triggers the SF to increase steeply by two orders of magni-
tude. The SF maxima are also displaced from the equatorial
plane but even further off than the gas maxima and their
spatial oscillations not always coincide with the gas.
Fig. 12 shows the models isoGT2, rpsLM2 and rpsLM4
compared to the Kennicutt-Schmidt (KS) relation. Reason-
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Figure 12. The models isoGT2 (circles), rpsLM2 (x-symbols)
and rpsLM4 (triangles) at various simulation times with respect
to the Kennicutt-Schmidt relation (black solid line). (For discus-
sion see subsection 6.2)
ably, the isolated DG stays around the KS line, whereas the
DGs within a wind environment experience an up to two
orders of magnitude higher SF triggered by the strong RP.
They are shifted to the region of starburst DGs, whereby the
low-speed RP of rpsLM2 (see Fig. 12 red x-symbols) exerts
a stronger trigger efficiency than the fast rpsLM4 model.
6.3 Dwarf Galaxy Transformation and Stellar
Population Gradients
In both models, LM and HM respectively, star clusters form
at distances up to 200 pc above the equatorial plane and
are still gravitational bound so that they fall back and os-
cillate about the plane, by this, leading to a thicker disk
of newly formed stars than the old stellar population. This
unexpected effect seems to depend strongly on the proper-
ties of galaxies and environment. At first, the galaxy mass
should be reasonably low in order to allow a discernible dis-
location of the lifted star-forming clouds. This shift is not
as strong for the HM models as preferably for the LM DGs
(see Fig. 6 and 7). The result is a heating of the stellar
velocity dispersion and, by this, a thickening of the stel-
lar distribution. On the other hand, the thickening becomes
better discernible for the HM models (as rpsHM1 shown in
Fig. 8 and 9), because the LM models are initially more
roundish and the SFR maxima are derived under the inclu-
sion of unbound star clusters (see sect. 6.4). This effect leads
to a morphological transformation from an elongated disky
shape to an ellipsoid. While this shape transformation is
generally believed to be achieved by subsequent harassment
within the galaxy cluster (Smith et al. 2015), our finding al-
lows a new and physically reasonable path to dEs, at least a
pre-conditioning of dE shaping. Moreover, the relative ICM
speed should be in a slow range to exert a cloud lifting only
but no push-away.
As an observable signature that should be studied those
cluster dEs should show a negative vertical stellar age gradi-
ent and a positive blue colour gradient or at least flat ones,
as well as a radially increasing stellar velocity dispersion.
This effect might already be indicated by a few dEs in the
Coma cluster with radial changes in age (Koleva et al. 2011)
and by the negative or flat age gradients derived in a few
Virgo cluster dEs (Urich et al. 2017) from the SMAKCED
sample (Janz et al. 2012).
On the other hand, the colours of star clusters depend
on their initial mass function. While the HM models expe-
rience a SFR above the critical value of 10−2M⊙ yr
−1 and
can fill the IMF (Ploeckinger et al. 2014). The LM models
evolve the whole time below this limit, at which the SF indi-
cators of Hα and UV diverge, see e.g. Lee et al. (2009). This
means, on the other hand, that a sufficient number of mas-
sive stars can hardly be formed to allow for the assumption
of the colour evolution of a regular single-stellar population.
This large uncertainty, however, makes predictions of colour
gradients and of age deviations as interpretable results of
RP very vague.
6.4 Star-Forming Blobs
There are several ways to withdraw gas clouds from a galaxy:
At first when the RP is strong enough (for velocities larger
than 100kms−1) to directly push away the material; sec-
ondly, close and fast encounters with other galaxies lead to
harassment; and finally, enhanced SN feedback caused by
a starburst drives out not only hot SN gas but the mass-
loaded ISM also. Although all simulations in this work3 ex-
hibit stripped-away gas clumps, that should be Jeans un-
stable, only two blobs in one simulation (rpsLM4) expe-
rience active SF. While there are a few results in the lit-
erature with active SF in simulated ram-pressure stripped
clouds (e.g. Kronberger et al. (2008); Kapferer et al. (2009);
Roediger et al. (2014)), these concern massive spiral galax-
ies only.
Here we present for the first time simulations (rpsLM4)
of a RPS DG with active SF in stripped clouds and study
its dependence on the relative velocity. Comparisons with
observations reveal some remarkable similarities. For in-
stance the DG IC3418 in the Virgo cluster, studied by
Hester et al. (2010); Fumagalli et al. (2011); Ja´chym et al.
(2013); Kenney et al. (2014), is moving through the ICM
with a velocity of ∼ 1000 km s−1 (similar to rpsLM4).
Hester et al. (2010) assume a RP of 2.7×10−11 dyne cm−2,
which corresponds to an ICM density of 2.7×10−27 g cm−3
and is slightly more than one magnitude larger than for
model rpsLM4. Bekki & Couch (2003) show by their simu-
lations that RP can trigger SF in a molecular cloud of spiral
galaxies by compressing the molecular gas. They also assume
that a cloud can be prevented from collapsing, when it is sur-
rounded by diffuse HI gas. But if this envelope is stripped
away, the cloud is directly exposed to the RP, which leads
to a compression and subsequent SF.
The LM model with the fastest wind onstream, on
the other hand, experiences SF also in gas clouds that are
stripped-off from the galactic body out to distances of 1
kpc and more, at which the clusters are not bound any-
more to the galaxy. This allows the formation of freely float-
ing star clusters, as it is observed since recently in the DG
VCC1217 (aka IC 3418) (Hester et al. 2010; Fumagalli et al.
3 Except for rpsHM2 which shows a smooth continuous gas re-
moval.
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2011; Ja´chym et al. 2013, 2014; Kenney et al. 2014), in
the low-mass SBc galaxy ESO+137-001 (Sun et al. 2007),
and e.g. in the edge-on stripped Virgo spiral NGC4254
(Boselli et al. 2018b). Recently, we detected a new DG in the
VESTIGE survey of the Virgo cluster (Boselli et al. 2018a)
IC 3476, that suffers edge-on RPS (Boselli et al. 2020, in
prep.). Star-forming regions are preferably located in the
arm which is stripped-off more extendedly due to the rota-
tion direction.
Our models show that SF happens in stripped clouds
at stronger RP. As a matter of fact, all galaxies with star-
forming RPS clouds move with extremely high relative ve-
locities of 1000kms−1 and above through the ICM. For
the high-mass models the stripped gas clouds are prob-
ably not massive enough due to the lower velocities. Ei-
ther they are destroyed by evaporation or dynamically or
they need more time to cool, collapse and form stars. In
the latter case the resulting SF would happen far away in
the galaxy’s wake, as shown in the simulations of massive
galaxies by Kronberger et al. (2008); Kapferer et al. (2009);
Roediger et al. (2014) and from some observations in strip-
ping action, as e.g. Sun et al. (2007); Boselli et al. (2018b).
The simulations are carried out with almost the same fast
relative velocity.
The bias of triggered SF in stripped blobs can be under-
stood by the different cloud masses: stronger RP pushes off
more massive clouds which are suitable for SF after cooling
and approaching rest so that the external ICM pressure has
to replace the MJ criterion by a Bonnor-Ebert mass (Bonnor
1956; Ebert 1955). In contrast, slower RP either lifts up mas-
sive clouds only and/or strips off small clouds and more dif-
fuse gas, both not capable for SF. Nevertheless, one must
keep in mind that most simulations do not include heating
processes by the thermal/radiative environment so that the
stripped gas cools only and reaches the criteria for SF inter-
nally. In particular, numerical particle schemes as Smoothed-
particle Hydrodynamics (SPH) recipes with fixed particle
masses switch-on SF when the MJ criterion is reached in
addition to implied temperature and densities thresholds.
Although Roediger & Hensler (2008) have proven that
the local RPS criterion in a galaxy, i.e. the local gravity,
obeys the same analytical formula as the Rayleigh-Taylor in-
stability (RTI), for individual gas clouds like those stripped
off the criterion for their destruction by means of RTI must
consider their local self-gravity. To resolve a gas cloud grav-
itationally, the numerical gravity solver needs to cover at
least three cells in each dimension. To ensure that the se-
lected blobs are also gravitationally resolved, their expansion
in each dimension (x× y× z) is listed in table 2. From this
one can discern that only in 2 out of 9 clouds the Jeans mass
MJ is not reached. For the 7 exceeding MJ , the lighter ones
B3 and B4 are on average denser by more than one order
of magnitude than e.g. B5 and B6, although these are more
massive by a factor of 5-8. All clouds are large enough to be
gravitationally resolved and to rely on the Poisson solver,
whereby the more massive clouds are spread over much more
cells than the lighter ones. This is advantageous for AMR
grids with respect to particle codes, because the particles
density is only derived from pressure equilibrium instead of
the cloud’s self gravity.
For the onset of SF, the density plays a crucial role ac-
cording to our self-regulation recipe (Koeppen et al. 1995)
what makes the dominant SF in blobs B3 and B4 under-
standable. Moreover, one must keep in mind that less bound
clouds as the larger ones are exposed to the Bernoulli effect,
while coming to rest they benefit from the external ICM
pressure (Bonnor-Ebert mass) and can be excited to form
stars.
Although the gas and stellar masses of the DG rpsLM4
are smaller than of IC 3418, the occurring SFRs for each
starburst in the blobs agree well with the derived SFRs from
observations, as e.g. for the blobs of IC 3418 from 10−4 −
10−3M⊙ yr
−1. Using the relation between the SFR and Hα-
luminosity, provided by Kennicutt (1998) to derive the Hα-
luminosity from the SFR, these star forming blobs would
emit luminosities of LHα = (0.31−2.60) ×10
38 erg s−1 under
the assumption of a filled stellar IMF (but see end of 6.4).
7 CONCLUSIONS
We have performed a series of DG models which we expose
to RP of the IGM while they fall into a cluster environ-
ment. The aim is at studying the various effects of RP on
DGs. Here we only wish to present a model selection of the
most interesting effects which need further elaboration by
detailed studies but are already more than exciting. Our
models achieve the following main results:
• While the analytical formula of RPS allows to remove
the gas from DGs completely, in agreement with observed
cluster dEs gas resides in the central galaxy regions. This is
caused by gas compression through RP and leads to smaller
cloud radii and larger densities, both hampering momentum
transfer.
• For low-mass models with RP the SFR declines more
steeply than in isolated models, but jumps up rapidly by two
orders of magnitude when the RP exceeds a critical limit.
• Weak RP is able to buoy interstellar clouds up from the
equatorial plane. When they form stars, there these young
star clusters oscillate about the plane because they are still
gravitationally bound and gain a larger velocity dispersion.
This effect leads to an ellipsoidal stellar shape with a pos-
sibly positive radial blue colour gradient. This assumption
could be questioned, however, because at low SFRs the IMF
is hardly complete.
• Under particular conditions SF can also occur in
stripped-off clumps. Obviously, strong RP can push out
more massive and dense clumps exceeding MJ . Smaller RP
strips off tenuous clouds or filamentary gas which is inca-
pable to form stars. This dichotomy is verified by observa-
tions. Whether Bonnor-Ebert conditions further behind the
galaxy allow for SF in the gas or how much environmental
processes by means of turbulence, cooling radiation from the
ICM and thermal conduction heat the gas and prevent SF,
must be the objective of ongoing simulations.
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